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ABSTRACT
Supermassive black holes observed at high redshift z & 6 could grow from direct collapse black
holes (DCBHs) with mass ∼ 105M⊙, which result from the collapse of supermassive stars (SMSs).
If a relativistic jet is launched from a DCBH, it can break out of the collapsing SMS and produce a
gamma-ray burst (GRB). Although most of the GRB jets are off-axis from our line of sight, we show
that the energy injected from the jet into a cocoon is huge ∼ 1055−56 erg, so that the cocoon fireball
is observed as ultra-luminous supernovae of ∼ 1045−46 erg s−1 for ∼ 5000[(1 + z)/16] days. They are
detectable by the future telescopes with near infrared bands, such as, Euclid, WFIRST, WISH, and
JWST up to z ∼ 20 and . 10 events per year, providing a direct evidence of the DCBH scenario.
Subject headings: gamma-ray burst: general - supernova - quasars: supermassive black holes - stars:
Population III
1. INTRODUCTION
Since the last decade, supermassive black holes
(SMBHs) with ∼ 109M⊙ have been discovered in the
high-redshift quasars (QSOs) at z & 6 (Fan 2006;
Mortlock et al. 2011; Wu et al. 2015). The origin of these
SMBHs is one of the biggest riddles in the Universe. We
do not know how the seed BHs acquire mass of ∼ 109M⊙
within a short time of . 1 Gyr (the age of the Universe
at z & 6).
Plausible candidates for the seeds are stellar mass
BHs of ∼ 101−3M⊙, which are the end products of
first stars or Population III (Pop III) stars. Theoret-
ical studies have shown that Pop III stars are typi-
cally very massive (∼ 102−3M⊙; Bromm et al. 1999,
2002; Abel et al. 2002; Yoshida et al. 2003, 2006, 2008;
Susa et al. 2014; Hirano et al. 2014; Hosokawa et al.
2015). Stellar mass seeds are difficult to grow to be
supermassive within . 1 Gyr as long as the mass ac-
cretion continues with the Eddington rate. Such con-
tinuous and efficient accretion may be prevented by
the radiation feedback effects (Milosavljevic´ et al. 2009;
Alvarez et al. 2009; Park & Ricotti 2011, 2012, 2013;
Aykutalp et al. 2014). Some authors suggest that su-
percritical accretion may help the stellar mass BHs to
grow rapidly (Volonteri & Rees 2005; Madau et al. 2014;
Inayoshi et al. 2015a; Alexander & Natarajan 2014).
A more attractive seed may be provided by the
supermassive Pop III stars (SMSs) of ∼ 105M⊙. SMSs
are formed in primordial gas clouds which are under
intense far ultra-violet (FUV) radiations (Omukai
2001; Bromm & Loeb 2003; Dijkstra et al. 2008;
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Agarwal et al. 2012; Johnson et al. 2014; Agarwal et al.
2015; Agarwal & Khochfar 2015; Schauer et al. 2015)
or in the high density and high temperature regions
which are formed through the cold inflow onto a pro-
togalaxy and/or galaxy mergers (Inayoshi & Omukai
2012; Inayoshi et al. 2015b). When SMSs collapse via
the general relativistic (GR) instability (Chandrasekhar
1964) or the exhaustion of the nuclear fuel, they leave
massive BHs of ∼ 105 M⊙ as remnants. We call these
massive BHs as direct collapse BHs (DCBHs). With
the Eddington accretion rate, such massive seeds can
grow up to SMBHs of ∼ 109 M⊙ for ∼ 0.5 Gyr. This is
shorter than the age of the Universe at z = 7, where the
most distant QSO is found (Mortlock et al. 2011).
The detection of violent explosions, like supernovae
(SNe) and gamma-ray bursts (GRBs), produced by
SMSs may be useful to understand their contribution to
the SMBH formation (Johnson et al. 2013; Whalen et al.
2013a,b; Chen et al. 2014). In the previous paper, we
studied whether SMSs can produce GRBs or not,
and discussed their detectability (Matsumoto et al.
2015). GRBs are produced by the relativistic jets
which are launched from BH-accretion disk systems.
In the collapsar scenario, the BH and disk system
are formed in the center of a massive star, when
it collapses (Woosley 1993; MacFadyen & Woosley
1999) (see also, Lamb & Reichart 2000; Gou et al.
2004; Me´sza´ros & Rees 2010; Suwa & Ioka 2011;
de Souza et al. 2011; Nagakura et al. 2012;
Nakauchi et al. 2012; Mesler et al. 2014, for Pop III
collapsars). After the relativistic jet breaks out of the
progenitor envelope, it can contribute to the γ- and
X-ray prompt emission. If the direction of the jet axis
coincides with our line of sight, we can observe it as a
GRB.
The stellar evolution theory suggests that SMSs have
very large radii of 1014−15 cm, which are comparable
to or even larger than red supergiants (Fryer & Heger
2011; Hosokawa et al. 2012, 2013; Sakurai et al. 2015).
Although one may think that the bloated envelope pre-
vents the relativistic jet from breaking out of it success-
2fully, we have found that the breakout is possible be-
cause of the steeply-declining density profile. We have
also found that the GRBs from SMSs show ultra-long
durations of δtγ ∼ 10
4−6 s, which are about 103−5 times
longer than ordinary GRBs and even longer than the ob-
served ultra-long GRBs (ULGRBs6). The isotropically
radiated energy of the GRBs amounts to as much as
Eγ,iso ∼ 10
56 erg, which is also by an order of magni-
tude larger than that of the most energetic GRB. They
could be detectable by the Burst Alert Telescope (BAT)
onboard the Swift satellite (Barthelmy et al. 2005) up
to z = 20. Thus, very energetic ULGRBs are a unique
feature of the GRBs from SMSs.
However, the prompt emission has some disadvantages.
First, the detection rate of such GRBs was estimated to
be low . 2 (ΨGRB/10
−8yr−1Mpc−3)(θ/5◦)2 yr−1 on the
whole sky, where ΨGRB is the intrinsic event rate of the
SMS GRBs, and θ is the opening angle of the jet. Second,
we cannot measure the distance or redshift only through
the high energy emission, because it is difficult to identify
the host galaxy. In order to overcome these disadvan-
tages, we consider the counterparts of SMS GRBs which
radiate isotropically in the optical or near infrared (NIR)
bands.
In the previous study, we find that energy of
1055−56 erg is injected into the hot plasma cocoon which
surrounds a jet before its breakout (Matsumoto et al.
2015). When the jet propagates in the progenitor en-
velope, it forms two shock waves at the jet head. One
is a forward shock which sweeps the envelope materi-
als, and the other is a reverse shock which decelerates
the jet materials. The materials in the jet head can ex-
pand sideways and form a hot plasma cocoon around the
jet (Matzner 2003). The cocoon can also expand in the
envelope and finally breaks out of it along with the jet
head. We call the cocoon component emerging out of the
progenitor star as a cocoon fireball.
Some authors suggested that the cocoon fireball
evolves like an SN ejecta, if the cocoon loads the stel-
lar material efficiently before breakout (Kashiyama et al.
2013; Nakauchi et al. 2013). Nakauchi et al. (2013)
showed that the super-luminous SN (SLSN) associated
with the ULGRB 111209A can be reproduced by the
emission from the cocoon fireball, if the progenitor is a
blue supergiant of ∼ 1013 cm. For SMSs, it takes much
longer time for the jet head to break out of the enve-
lope, so that we can expect much larger energy stored in
the cocoon and much brighter emission from the cocoon
fireball.
In this paper, we study the cocoon emission associ-
ated with the ULGRBs from SMSs. We find that they
can be observed as ultra-luminous SNe up to z ∼ 20 by
the future NIR surveys. We also show that the distance
or redshift of the event can be identified by the Gunn-
Peterson trough (Gunn & Peterson 1965). Furthermore,
we find how to estimate the mass of the progenitor, its
radius, and the explosion energy from the observables,
such as the bolometric luminosity, duration, and pho-
tospheric velocity. This enables us to confirm that the
6 So far, ULGRBs are discovered in the low-z Universe of z . 1
(Gendre et al. 2013; Levan et al. 2014). They have typical du-
rations of δtγ ∼ 104 s and the isotropically radiated energy of
∼ 1053 erg.
Table 1
Parameters of cocoon fireballs
Progenitor Model 1E5 Accreting
Ec [erg] 1.0× 1056 4.2× 1055
Mc [M⊙] 1.1× 103 3.5× 102
Rc(0) [cm] 1.2× 1014 2.8× 1015
Notes. The energy Ec, mass Mc, and initial radius Rc(0) of co-
coon fireballs are shown. The values of the energy Ec and massMc
are evaluated at the jet breakout. The cocoon initial radius Rc(0)
means the cocoon radius at the start of homologous expansion (see
Appendix A and B for the definition of these quantities). The 1E5
model is a SMS which evolves from a metal-free ZAMS star. The
Accreting model is a massive protostar growing under rapid-mass
accretion of 1M⊙ yr−1 (see the text).
progenitor is a SMS. Finally, we discuss that from the de-
tection rate by the future NIR surveys, we can constrain
the conditions and environments for the SMS formation.
We organize this paper as follows. In Section 2, we
show the light curves of the cocoon emission and dis-
cuss their detectability with future telescopes. In Section
3, we consider the observational strategy for the cocoon
emission and their event rate. In Appendix, we collect
the formulae for calculating the cocoon parameters and
the light curves. Throughout this paper, we consider the
ΛCDM cosmology and adopt the cosmological param-
eters as : H0 = 67.8 km s
−1Mpc−1, Ωm = 0.308 and
ΩΛ = 0.692 (Planck Collaboration et al. 2015).
2. ULTRA-LUMINOUS SNE FROM
SUPERMASSIVE COLLAPSARS
In this section, first we briefly explain the SMS forma-
tion and our progenitor models. Next, we show the light
curves of the cocoon emission comparing with other SN
events. Then, we show the light curves for the future
telescopes and discuss the detectability.
While hydrogen molecules are the main coolant in a
primordial gas cloud, they can be destroyed via pho-
todissociation or collisional dissociation when the cloud
is irradiated with the intense FUV field or is in a
highly shock-compressed region. Such a gas cloud can
contract by its self-gravity only via hydrogen atomic
cooling, so that the temperature of the cloud is kept
high (∼ 104K). A protostar formed in the center
of the contracting cloud accretes the surrounding gas
with a high accretion rate of M˙ ∼ 0.1 − 1M⊙ yr
−1.
If the accretion can continue over the stellar life-
time ∼ Myr, the protostar can become a SMS of ∼
105M⊙ (see also, Wise et al. 2008; Regan & Haehnelt
2009a,b; Shang et al. 2010; Wolcott-Green et al. 2011;
Latif et al. 2013; Schleicher et al. 2013; Regan et al.
2014; Inayoshi & Haiman 2014; Becerra et al. 2015).
We consider two models of SMSs in this work (for more
details of our models, see Matsumoto et al. 2015). First,
if the accretion is halted by e.g., radiation feedback when
the star obtains ∼ 105M⊙, the SMS reaches the zero
age main sequence (ZAMS). Fryer & Heger (2011) calcu-
lated the evolution of a SMS of 105M⊙ from the ZAMS
stage until it exhausts its nuclear fuels and begins to col-
lapse. We use the density profile at the precollapse phase
as a progenitor model, and call it as the “1E5 model”.
Second, if the accretion continues without any interrup-
tion, they grow up to the critical mass where the GR
instability sets in (Chandrasekhar 1964). Then the ac-
3creting SMS will become unstable and finally collapse.
Hosokawa et al. (2013) calculated the evolution of an ac-
creting SMS with the constant and high accretion rate
of M˙ = 1 M⊙ yr
−1. They stopped the calculation when
the star obtains 105M⊙, since they suffered from some
numerical difficulties. While the GR instability has not
set in yet, we adopt the density profile of this phase as a
progenitor model, and call it as the “Accreting model”.
As long as the accretion continues, the envelope profile
will not change so much and it should have little effect
on our results.
It should be noted that our progenitor models are
calculated without taking rotation into account. In
reality, GRB progenitors are thought to be rotating
for the jet formation. When the progenitors are ro-
tating very rapidly, the stellar structure may also be-
come chemically homogeneous (Yoon & Langer 2005;
Woosley & Heger 2006). This may change the radii
of the progenitors. However, as long as the progeni-
tor envelopes are radiation-pressure-dominated and have
steeply-decreasing density profiles, the jet heads do not
decelerate and can penetrate the stellar surface (see Ap-
pendix A, for the jet propagation in a radiation-pressure-
dominated envelope).
First, we calculate the dynamics of a relativistic jet in
a progenitor envelope, and figure out the total energy Ec
and mass Mc loaded on a cocoon. We show the details
of our model in Appendix A, along with the order of
magnitude estimates. In Table 1, we show the results of
the energy Ec, mass Mc at the jet breakout, and initial
radius Rc(0) of the cocoon fireballs when homologous ex-
pansion starts (see also Appendix B). The quantities Ec
and Mc can be roughly reproduced by the analytical es-
timates (Eqs. A10 and A15). We find that the energy of
the cocoon fireball is very large Ec ∼ 10
55−56 erg. This
is because the progenitors have a very large radius. It
takes much time for the jet head to break out of the pro-
genitor envelope, so that a large amount energy is stored
in the cocoon. This can be seen from Eqs. (A9) and
(A10). We can see that the cocoon fireballs are non-
relativistic, Ec ≪ Mcc
2, and initially optically thick,
τ0 ∼ κMc/Rc(0)
2
≫ 1, where c is the speed of light
and κ = 0.35 cm2 g−1 is the Thomson scattering opacity
for the primordial composition. Thus, the cocoon fireball
may evolve like a shock heated ejecta of Type IIP SNe
(Kashiyama et al. 2013; Nakauchi et al. 2013).
Next, using the parameter values in Table 1, we cal-
culate the light curves of the cocoon emission. We show
the details of our prescription in Appendix B. In Fig. 1,
we compare the light curves of the cocoon emission ob-
tained from the 1E5 and Accreting model with those of
the observed SNe. The horizontal axis shows the time
from the peak of the light curve (for the cocoon emis-
sion, we represent the time in the progenitor frame).
The vertical axis gives the absolute magnitude in the
R-band. The red and green solid curves correspond to
the 1E5 model and the Accreting model, respectively.
We see that the cocoon emission are about 10 − 100
times brighter than even SLSNe. Its bolometric lumi-
nosity amounts to 1045−46 erg s−1 (Eq. B7), so that we
call them as ultra-luminous SNe. Such ultra-luminous
SNe may be useful to study the early Universe.
From the green solid line in Fig. 1 (the Accreting
-30
-28
-26
-24
-22
-20
-18
-16
-14
-200 -100  0  100  200  300  400
a
b
s
o
lu
te
 m
a
g
n
it
u
d
e
 (
R
-b
a
n
d
)
days from peak
cocoon emission (1E5)
cocoon emission (Accreting)
SLSN-I
SLSN-II
SLSN-R
SN-IIn
SN-Ia
SN-Ibc
SN-IIP
Figure 1. Light curves of cocoon emission and other observed
SNe. The horizontal axis shows days from their peaks in the light
curves (For the cocoon emission, we represent the time in the pro-
genitor frame). The vertical axis represents the absolute magnitude
in the R-band. The red and green curves are the light curves of the
cocoon emission for the 1E5 and Accreting models, respectively.
The blue, magenta, light-blue, yellow, black, orange, and grey
curves show the light curves of observed transient events, Type-I
super-luminous SN (SLSN-I) PTF09cnd, Type-II SLSN SN2006gy
, Type-R SLSN SN2007bi, Type IIn SN 2005cl, Type Ia SN, Type
Ibc SN, and Type IIP SN 1999em, respectively. These light curves
are taken from Fig. 1 in Gal-Yam (2012).
SMS model), we find that the light curve can be di-
vided into two parts, and that each part has its own
peak. They come from the different thermal states in
the cocoon fireball (Appendix B). Around the first peak
the ejecta has very high temperature, so that the atoms
are completely ionized. In this phase, the effective tem-
perature decreases with time according to Eq. (B8), so
that the spectral peak moves to the redder bands with
time. When the effective temperature drops below the
critical value (Tion ∼ 6000 K), the atoms recombine in
the ejecta. In the recombined ejecta, photons can es-
cape almost freely, so that the recombination front be-
comes the photosphere. Since the recombination front
moves inwards to the expanding ejecta, the photospheric
radius looks almost unchanged in the lab-frame observer
(Eq. B14). Then, the spectral energy distribution hardly
changes with time, and the light curve shows a plateau.
This phase corresponds to the plateau phase in Type I
IP SNe. The light curves of the cocoon emission drop
abruptly at ∼ 120 days from the peaks. This is because
the photosphere reaches the center of the cocoon fireball
and all photons diffuse out from the ejecta.
Finally, we discuss the detectability of the cocoon
emission with the future wide-field NIR survey tele-
scopes, such as Euclid (Laureijs et al. 2011), WFIRST
(Spergel et al. 2013), and WISH 7 (see also section 3).
We show the property of each telescope in Table 2. We
set the redshifts of the events as z = 10, 15, and 20,
where SMSs are suggested to be formed (Agarwal et al.
2012; Dijkstra et al. 2014; Yue et al. 2014). At these
redshifts, intergalactic hydrogen will be still neutral
(Planck Collaboration et al. 2015), so that the emission
with wavelengths shorter than λobs = 0.122(1 + z)µm
is strongly absorbed. Therefore, we can use only red-
7 http://www.wishmission.org/en/index.html
4Table 2
Properties of future NIR telescopes
Telescope Euclid WFIRST WISH
Band Y,J,H Y,J,H,F184 1-4.5µm
Depth(SN survey) [mag] 26 29.3-29.4(J,Ha) −
Area(SN survey) [deg2] 40 5.04 −
Duration(SN survey) [yr] 3 0.5 −
Cadence [day] 4-6 5 −
Depth(galaxy survey) [mag] 24 26.2-26.9 28
Area(galaxy survey) [deg2] 1.5-2.0× 104 2.0× 103 100
Duration(galaxy survey) [yr] 3 1.3 5
Notes. Area in line 4 and 8 means the size of the observed region by each telescopes. In SN survey, telescopes observe the same regions
many times and detect transient events. In galaxy survey, telescopes survey large areas just once and observe galaxies.
aWFIRST is planned to have three types of SN surveys (Spergel et al. 2013). In this paper, we only consider the SN deep survey, because
it has the best sensitivity. The SN deep survey uses only J- and H-bands.
Table 3
Center wavelength and maximum redshift of each band
Band name Y J H F184 K L
wavelength [µm] 1.020 1.215 1.654 1.842 2.179 3.547
zmax 7.4 9.0 12.6 14.2 18.6 28.2
Notes. In line 2, we show the center wavelength of each band. At
the maximum redshift of zmax in line 3, the center wavelength is
equal to the redshifted Lyman-α wavelength, λBand = λLyα(1 +
zmax).
der bands than the redshifted Lyman-α wavelength. In
Table 3, we show, for each band, the maximum redshift
up to which photons at the band center are free from
Lyman-α absorption.
In Figs. 2 - 5, we show the light curves of the cocoon
emission for the 1E5 SMS model, and compare them with
the detection limit of Euclid, WFIRST, and WISH, re-
spectively. The horizontal axis represents the time since
the cocoon fireballs start homologous expansion in the
observer frame. The vertical axis shows the observed AB
magnitude. Euclid has a difficulty to detect the cocoon
emission in galaxy survey because the cocoon emission
is not bright enough. In the SN survey, Euclid can de-
tect the first peak of the cocoon emission for ∼ 80 days.
WFIRST can detect only the first peak of the cocoon
emission at z = 10. In the galaxy survey, the first peak
can be observed for ∼ 90 and 120 days in H- and F184-
bands, respectively, while in the SN survey, it can be ob-
served for ∼ 300 days. It should be noted that WFIRST
uses only J- and H-bands in the SN survey (see Table 2).
At z = 15, photons at the F184-band are strongly ab-
sorbed, so that the cocoon emission cannot be detected
with WFIRST. WISH has the deeper detection limits
and more bands than those of Euclid and WFIRST in
the galaxy survey. At z = 10, WISH can detect the
first peak in all bands with durations of longer than 100
days. In L-band, WISH will observe the whole of the
light curves with the duration of ∼ 3800 days. In K-
band, the first and second peak are detected separately.
At z = 15, WISH will detect the first peak in K- and
L-bands. In L-band, the second peak is also detectable.
At z = 20, only L-band can be used. WISH can detect
the first peak with the duration of ∼ 400 days.
In Figs. 6 - 8, we show the light curves of the cocoon
emission obtained from the Accreting SMS model. In
the Accreting SMS model, the duration of the first peak
is comparable to that of the second one, because the
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Figure 2. Light curves of cocoon emission for the 1E5 SMSs ob-
served with Euclid. The horizontal axis shows the observer time
since the cocoon fireball starts homologous expansion. The vertical
axis shows the observed AB magnitude. The red curve shows the
light curve in H-band. We show the sensitivities of Euclid ’s SN
survey and galaxy survey with horizontal grey dash-dotted lines.
Euclid can detect only the first peaks of the cocoon emission in the
SN survey.
Accreting SMSs have larger radius than the 1E5 SMSs
(Eq. B10). The large radius also makes cocoon emission
about 10 times brighter than those of the 1E5 SMS model
(Eq. B7). Euclid can detect the first peak in H-band
for more than 600 days. WFIRST also detects the first
peak in all available bands for & 1000 days. In the SN
survey, it may observe the second peak with the duration
of ∼ 3000 days in H-band. WISH can detect the first
peak up to z = 20 in all bands for 1000− 3000 days. In
particular, the first and second peaks are observed for
∼ 3700− 5400 days in K- (z = 10) and L-bands (z = 10
and 15), respectively.
3. REDSHIFT DETERMINATION AND EVENT
RATE
3.1. Redshift Determination
In the previous section, we find that the cocoon emis-
sion from SMSs may become ultra-luminous SNe. They
can be detectable with the future wide-field NIR survey
telescopes, such as Euclid, WFIRST, and WISH. In this
section, we discuss the survey strategy of these ultra-
luminous SNe.
The NIR survey telescopes have two survey modes, the
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Figure 3. Same as Fig. 2, but for the 1E5 SMSs observed with
WFIRST. We add the light curves in F184-band with a light-blue
curve. WFIRST can observe only the first peaks of the cocoon
emission at z = 10 for more than 90 days. It should be noted that
in SN survey, WFIRST uses only J- and H-bands.
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Figure 4. Same as Fig. 2, but for the 1E5 SMSs observed with
WISH. We add the light curves in K- and L-bands with green and
blue curves. The solid, dashed and dotted curves correspond to
the redshifts of the progenitors z = 10, 15, and 20, respectively.
Before the recombination sets in (tobs . 500 days), the light curves
show the bright first peaks. After tobs & 500 days, they show the
second peaks.
SN and galaxy surveys. In the SN survey, they visit the
same area many times. By comparing the images taken
at different times, they can detect cocoon emissions as
transient events. As shown in Table 2, in the SN survey,
the telescopes cover much narrower areas than those in
the galaxy survey. This will reduce the number of de-
tectable events (see the next section). However, the tele-
scopes observe more deeply than they do in the galaxy
survey. The sensitive observation with high cadence in
the SN survey will enable us to detect the cocoon emis-
sions without confusing with other events.
In the galaxy survey, they survey large areas and take
images of many galaxies. They can detect cocoon emis-
sions as one of the brightest stationary sources at high
redshift. Since the survey area in the galaxy survey is
larger than that in the SN survey, we can expect larger
event rate in this mode. A color-color diagram is use-
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Figure 5. Same as Fig. 4, but we zoom in on the first 300 days
(rising first peak).
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Figure 6. Same as Fig. 2, but for the Accreting SMS model.
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Figure 7. Same as Fig. 3, but for the Accreting SMS model.
ful to discriminate the cocoon emission from other ob-
jects such as QSOs or brown dwarves (Mesinger et al.
2006; Tanaka et al. 2013). Because of Lyman-α absorp-
tion in short wavelengths, we can select the candidates
of the cocoon emission as red objects in a color-color
6Accreting
:WISH  z=15  
z=20  
z=10  
 20
 22
 24
 26
 28
 30
 0  1000  2000  3000  4000  5000  6000
A
B
 m
a
g
n
it
u
d
e
observer time [ day ]
H-band
K-band
L-band
galaxy survey
Figure 8. Same as Fig. 4, but for the Accreting SMS model.
diagram. It should be noted that the cocoon emission
is one of the brightest sources at high redshift, making
it easy to disentangle the cocoon emissions from high-
z galaxies. We estimate the luminosity of the cocoon
emissions in Eq. (B7) as Lcocoon ∼ 10
45 erg s−1, which
is about 100 times larger than that of ordinary galaxies
Lgal ∼ 10
10L⊙. We do not have the luminosity func-
tions of galaxies at z & 10, but we know the luminosity
function at z ∼ 8 obtained by BoRG survey as φ(L) =
φ∗(L/L∗)
α exp[−L/L∗], where φ∗ ≃ 4 × 10
−4Mpc−3,
α ≃ −2, and L∗ ≃ 1.1 × 10
10L⊙ (Bradley et al. 2012).
By assuming that this function holds at z & 8, we es-
timate the number density of the galaxies, whose lumi-
nosity is comparable with that of the cocoon emissions,
as ∼ 10−8Gpc−3. Therefore, the possibility that we de-
tect bright galaxies as the cocoon emissions is extremely
low (see the next section for the event rate of the co-
coon emissions). We can also use the time variability of
cocoon emissions to disentangle cocoon emissions from
galaxies. Follow-up observations will find that the color
of cocoon emissions becomes redder than that at the first
detection (see below).
In Fig. 9, we show the temporal evolution of the spec-
tral energy distribution (SED) of the cocoon emission at
z = 10. It is obtained from the Accreting SMS model.
The horizontal axis corresponds to the wavelength in the
observer frame. The vertical axis represents the observed
flux density. The dark-grey shaded region shows the
wavelength region in which photons are absorbed by neu-
tral hydrogen in the intergalactic medium (IGM). The
light-grey shaded regions correspond to the J-, H-, K-,
and L-bands from left to right, respectively. The hori-
zontal dashed lines represent the best sensitivities of Eu-
clid, WFIRST, andWISH. We also show the sensitivities
of James Webb Space Telescope (JWST ) (Gardner et al.
2006), in the spectroscopic and photometric observations
with the dash-dotted and dotted curves, respectively.
JWST is useful for the follow-up spectroscopy.
From Fig. 9, we find that the flux is above the detec-
tion limit of JWST spectroscopy for tobs . 1000 days.
In this case, we can identify the absorption edge of the
SED, which is made by Lyman-α absorption. Then, the
distance or redshift of the event may be measured spec-
troscopically by the Gunn-Peterson trough, as is often
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Figure 9. Time evolution of the spectral energy distribution
(SED) of the cocoon emission from the Accreting SMS at z = 10.
The horizontal axis shows the wavelength in the observer frame.
The vertical axis represents the flux density. The SEDs after 10,
25, 100, 250, 1000, and 2500 days are shown with the red, green,
blue, magenta, light-blue, and orange solid curves, respectively.
We represent the wavelength range in which photons suffer from
Lyman-α absorption with dark-shaded region. We also show the
regions which correspond to J-, H-, K- and, L-bands with light-
shaded regions. The grey dashed lines in J-, H-, K-, and L-bands
represent the best sensitivities of Euclid, WFIRST, and WISH.
The grey dash-dotted and dotted curves also show the sensitivities
of JWST in the spectroscopic and photometric observationsa, re-
spectively. The Lyman-α damping at λobs . 1.34[(1 + z)/11]µm
tells us the redshift of the burst.
ahttp://www.stsci.edu/jwst/science/sensitivity
done in the QSO observations (Gunn & Peterson 1965).
We can obtain the spectroscopic information around
the first peak of the cocoon emission for tobs . 2500 days.
If the SED can be taken around of the first peak, we
can estimate the bolometric luminosity at the first peak
L1st. As shown in Eq. (B7), the bolometric luminosity
decreases monotonically, and we use Eq. (B7) at t = 0
for the luminosity L1st below. The decreasing rate of
the bolometric luminosity gives the diffusion time of the
cocoon fireball in the observer frame td(1 + z). We will
also be able to estimate the photospheric velocity vph
from e.g., the P Cygni profile of the hydrogen Balmer
line (λHα = 0.656(1 + z)µm). It should be noted that
around the first peak, the photospheric velocity vph is
evaluated by the cocoon velocity vc (Eq. B9). The ob-
servables in the first peak are useful to estimate the pro-
genitor’s parameters, because the first peak is brighter
in band ranges of the Euclid, WFIRST, and WISH pho-
tometry and the JWST spectroscopy.
From Eqs. (B5), (B7), and (B9), the energy Ec, mass
Mc, and initial radius Rc of the cocoon fireball can be
obtained as functions of the observables, L1st, td, and
7vph, as
Mc=
4pic
3κ
t2dvph (1)
≃ 1.8× 103M⊙ t
2
d,7vph,10,
Ec=
4pic
5κ
t2dv
3
ph (2)
≃ 2.2× 1055 erg t2d,7v
3
ph,10,
Rc=
5κ
2pic
L1stv
−2
ph (3)
≃ 9.3× 1013 cm L1st,45v
−2
ph,10,
where td,7 = td/10
7 s, L1st,45 = L1st/10
45 erg s−1, and
vph,10 = vph/10
10 cm s−1.
When the bolometric luminosity does not change so
much around the first peak, we can use the total dura-
tion of the cocoon emission ∆tco in order to estimate the
diffusion time td. This situation actually occurs when
the recombination starts at much faster than the diffu-
sion timescale. From Eqs. (3), (B10), and (B18), we
obtain the diffusion timescale as
td=
(4piσSBT
4
ion)
1/5
71/2
L
−1/5
1st v
2/5
ph ∆t
7/5
co (4)
≃ 5.9× 106 s L
−1/5
1st,45v
2/5
ph,10∆t
7/5
co,7,
where σSB is the Stefan-Boltzmann constant and
∆tco,7 = ∆tco/10
7 s. We can substitute this expression
for td in Eqs. (1) and (2).
Litvinova & Nadezhin (1985) and Popov (1993) also
gave the expressions for the parameters of Type IIP SNe
progenitors, by using the duration, luminosity, and pho-
tospheric velocity in the plateau phase (i.e., the second
peak). Their expressions have been used to derive the
explosion parameters of Type IIP SNe (Hamuy 2003;
Bose et al. 2013; Dhungana et al. 2015). When we use
the observables of the second peak, i.e., the bolometric
luminosity L2nd and the photospheric velocity vph(t2nd),
rather than L1st and vph, Eqs. (B18), (B20), and (B21)
become dependent and we cannot solve for the param-
eters Mc, Ec, and Rc(0). This is not pointed out in
the previous studies (Litvinova & Nadezhin 1985; Popov
1993), in which they use vc = (5Ec/3Mc)
1/2 rather than
vph(t2nd), but we think that vph(t2nd) (not vc) is the ob-
servable quantity for the second peak.
From Eq. (A15), the progenitor mass can be estimated
by using Eq. (1)
M∗ ∼ 6.4× 10
4M⊙ td,7
2vph,10
×
(
ηj
6.2× 10−4
)1/2(
θ
5◦
)−2
, (5)
If this is larger than the theoretical mass of any Pop
III stars via hydrogen molecular cooling (Hirano et al.
2014), the observation gives the first direct evidence of a
SMS.
The spectroscopic observation also tells us the ex-
istence of metals in the cocoon fireballs (see also,
Wang et al. 2012, for probing the metal enrichment in
the early IGM with GRB afterglows). With taking the
ratio of line strengths, we can infer the abundance of
heavy elements. If SMSs are really made of the primor-
dial gas and the cocoon fireballs are metal free, we will
observe only hydrogen and helium lines. This is a direct
evidence of Pop III stars. Thus, the cocoon emission from
SMSs provides us an unique opportunity to explore the
Pop III SMSs.
3.2. Event Rate
Here, we discuss the event rate of the cocoon emis-
sion. The cumulative number of cocoon emission events
observed with a telescope with a survey area Ωobs is cal-
culated by
∆N(z) =
∫ z
0
Ψburst(z
′)4picr(z′)2
∣∣∣∣ dtdz
∣∣∣∣dz′∆tobsΩobs4pi ,(6)
where Ψburst(z), r(z) and ∆tobs are the intrinsic burst
rate in the comoving volume, the comoving distance,
and the observation time, respectively. The intrinsic
event rate Ψburst(z) is related to the SMS or DCBH for-
mation rates (dnSMSdt or
dnDCBH
dt ), which are studied in
previous studies. In the following rate estimation, we
simply assume that the SMS GRB event rate Ψburst
is proportional to the SMS formation rate dnSMSdt as,
Ψburst = fGRB
dnSMS
dt , where fGRB is a fraction of the
GRB formation. It should be noted that since the co-
coon emission emits photons isotropically, the event rate
is not suppressed by the jet beaming factor ∼ θ2 like
GRBs.
The formation theories of SMSs or DCBHs have a lot of
unknown parameters, e.g, the star formation efficiency,
the escape fraction of FUV photons from the host halo,
the metal enrichment via galactic outflow, and the reion-
ization history of the Universe. We should determine
which model predicts a correct formation rate by obser-
vations.
In Fig. 10, we show the SMS GRB rates converted
from the SMS formation rates, as Ψburst = fGRB
dnSMS
dt .
The vertical axis shows the SMS GRB rate in comoving
volume per redshift. Pink, light-blue, and orange shaded
regions show the SMS GRB rates given by the SMS
formation rates which are calculated by Agarwal et al.
(2012), Dijkstra et al. (2014), and Yue et al. (2014)8, re-
spectively. Since there are no constraints on the conver-
sion parameter fGRB, we also consider four cases of the
parameter values of fGRB = 1, 0.1, 0.01, and 0.001 and
plot each case separately. The case of fGRB = 1 means
that all SMSs produce ULGRBs and cocoon emissions.
This will be an upper limit of the SMS GRB rate and
the true GRB rate will be lower than that. In the local
Universe, the GRB rate is about 10−3 times of the core-
collapse SN rate (Wanderman & Piran 2010). The local
fraction corresponds to fGRB = 0.001.
We also show the formation rates which give event
rates = 1 event yr−1 per redshift by the observations with
Euclid, WFIRST, and WISH, using red, green, and blue
curves, respectively. The solid and dashed curves rep-
resent the galaxy and SN survey modes, respectively.
These rates are obtained by equating the integrand in
8 Dijkstra et al. (2014) and Yue et al. (2014) show only the cu-
mulative number densities of DCBHs. Then, we convert their re-
sults into the formation rates.
8Redshift z
 6  8  10  12  14  16  18  20
!
b
u
rs
t|
d
t/
d
z
| 
[ 
M
p
c
-3
 ]
Redshift z
Euclid
WFIRST
WISH
10
-7
10
-6
10
-5
10
-4
10
-3
10
-2
10
-1
10
0
10
1
 6  8  10  12  14  16  18  20
!
b
u
rs
t|
d
t/
d
z
| 
[ 
M
p
c
-3
 ]
10
-7
10
-6
10
-5
10
-4
10
-3
10
-2
10
-1
10
0
10
1
1 event/yr/redshift
Yue et al. 2014
SN
Dijkstra et al. 2014
galaxyWFIRST
Euclid
WFIRST
WISH
fGRB=1
fGRB=0.001
Agarwal et al. 2012
fGRB=0.1
fGRB=0.01
Figure 10. SMS GRB event rates in comoving density per redshift
converted from the SMS formation rates as Ψburst = fGRB
dnSMS
dt
.
The pink, light-blue, and orange shaded regions represent the GRB
rates given by the SMS formation rates which are calculated by
Agarwal et al. (2012), Dijkstra et al. (2014) and Yue et al. (2014),
respectively. The upper-left, -right, bottom-left, and -right panels
show the cases of the GRB fraction fGRB = 1, 0.1, 0.01, and 0.001,
respectively. The red, blue, and green curves show the formation
rates which give 1 event yr−1 per redshift by observation with
future telescopes Euclid, WFIRST, and WISH, respectively. The
solid and dashed curves represent the galaxy and SN survey modes,
respectively.
Eq. (6) as unity. Since the probability of detections in-
creases when the duration of events ∆tco is longer than
the observation time ∆tobs, we multiply Eq. (6) by the
modifying factor ∆tco/∆tobs.
If a model predicts more formation rate than the
rates represented by solid or dashed curves in Fig. 10,
we expect that we observe the cocoon emission more
than 1 event yr−1. From Fig. 10, we see that the
models studied by Yue et al. (2014) predict much more
event rate than those studied by Agarwal et al. (2012)
and Dijkstra et al. (2014). Actually, the cumulative
event rate reaches ∼ 30 (fGRB/1) events yr
−1 for the
model studied by Yue et al. (2014). On the other hand,
Agarwal et al. (2012) and Dijkstra et al. (2014)’s models
predict . 1 (fGRB/1) event yr
−1.9 Thus, by the actual
observations with the future telescopes, we can select pre-
ferred models.
For its 11 yrs of operation, BAT onboard Swift satel-
lite has never detected ULGRBs from SMSs. However,
this result gives little constraint on the SMS GRB event
rate nor DCBH formation rate. The detectability of SMS
GRBs with BAT depends on the models of a progenitor
star and the prompt emission (Matsumoto et al. 2015).
Then, for some models, BAT does not have enough sen-
sitivity to detect the GRBs. On the other hand, the co-
coon emissions are detectable with all future telescopes,
and their simple emission mechanism gives few uncer-
tainties to the detectability. We can discuss the DCBH
formation rate, which is essentially unconstrained, more
robustly using the cocoon emission than using the SMS
GRB.
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APPENDIX
A. ANALYTICAL ESTIMATE FOR COCOON PARAMETERS
It is very useful to develop analytical formulae for cocoon parameters in order to see the dependences on progenitors’
properties. We estimate the cocoon energy Ec and mass Mc at the jet breakout analytically in this appendix. For
more details of our jet propagation model, see Matsumoto et al. (2015).
First, we calculate the cocoon energy Ec at the jet breakout defined as the energy stored into a cocoon component
during the jet propagation in a progenitor as
Ec = ηc
∫ tb
tin
Ljdt, (A1)
where ηc, tin, tb and Lj are the fraction of matter flowing into the cocoon from the jet head, the jet injection time,
the jet breakout time, and the jet luminosity, respectively. It should be noted that we set the origin of time when the
progenitor starts to collapse. We evaluate the efficiency parameter ηc as unity because the jet head is sub relativistic
in the progenitor. In the following, we estimate the quantities tin, tb, and Lj.
Let us first estimate the jet luminosity Lj. In our study, we consider the MHD mechanism as the jet formation
process (Blandford & Znajek 1977). In this mechanism, the jet luminosity Lj is given by the mass accretion rate
onto the central BH as Lj = ηjM˙c
2 (Komissarov & Barkov 2010), where the efficiency parameter ηj = 6.2 × 10
−4 is
calibrated to reproduce observed total energy of a jet when we apply our jet propagation prescription to Wolf-Rayet
stars (Suwa & Ioka 2011). We assume that a mass shell at mass coordinate Mr =
∫ r
0 4pir
2ρdr falls onto the BH in
9 The formation rate of DCBHs depends strongly on the critical
intensity of the FUV field which is needed for the SMS formation.
Agarwal et al. (2012) and Dijkstra et al. (2014) calculated the for-
mation rate by adopting Jcrit = 30− 300, where Jcrit is the inten-
sity at hν = 12.4 eV and in units of 10−21 erg s−1 cm−2Hz−1 sr−1.
Recently, Sugimura et al. (2014) obtained Jcrit ≃ 1000 by consider-
ing the realistic spectra of the FUV field from metal-poor galaxies.
This value is larger than those used in Agarwal et al. (2012) and
Dijkstra et al. (2014), so that they may overestimate the formation
rate to some extent (see also, Inayoshi & Tanaka 2015).
9Table 4
Parameters of density profiles
Progenitor Model 1E5 Accreting
ρcore [g cm−3] 4.6× 106 2.3
Rcore [cm] 1.0× 1010 1.0× 1012
R∗ [cm] 5.8× 1013 1.4× 1015
Mcore [M⊙] 9.6× 103 4.8× 103
its free-fall time defined as tff(r) =
√
pi2r3/8GMr, where G is the gravitational constant. Then we obtain the mass
accretion rate as M˙ = (dMr/dr)/(dtff/dr).
While the launching mechanisms of relativistic jets are still uncertain, the following two mechanisms are often
discussed: (i) MHD mechanism (Blandford & Znajek 1977) and (ii) neutrino and antineutrino annihilation mechanism
(Popham et al. 1999). In the latter model, as the mass of a central BH gets larger, the energy density in the accretion
disk becomes smaller, so that the jet could be quenched before the jet breakout (Zalamea & Beloborodov 2011;
Suwa & Ioka 2011). On the other hand, in the MHD jet model, the jet luminosity depends only on the mass accretion
rate and is proportional to the accretion rate, Lj ∝ M˙ . Therefore, as long as the mass accretion rate onto the central
BH is large and there is a global magnetic field, a powerful jet could be sustained regardless of the BH mass nor
the energy density around the BH. In our previous paper, we find that in the SMS case, high mass accretion rates
(M˙ & 0.1M⊙/s) could last for more than 10
4 s, which is longer than the jet breakout time ∼ 4000 s (see Fig. 3 in
Matsumoto et al. 2015).
We see that once we know the density profile ρ(r), we can calculate the quantities Mr, tff , and M˙ . SMSs have a
density profile proportional to r−3 at their radiation-pressure-dominated envelope (Matzner & McKee 1999). Then,
we approximate the density profile as follows,
ρ(r) =
{
ρcore r < Rcore,
ρcore(
r
Rcore
)−3 Rcore < r < R∗,
(A2)
where ρcore and Rcore are the density and radius of the stellar core, where the density is constant. In Table 4, we show
these parameters for our progenitor models (these density profiles are shown in Figs. 1 and 6 in Matsumoto et al. 2015).
With this simple density profile (A2), we calculate the mass coordinate Mr, free-fall time tff , and their derivatives as
follows,
Mr=Mcore + 3Mcore ln
(
r
Rcore
)
(Rcore < r), (A3)
dMr
dr
=
3Mcore
r
, (A4)
dtff
dr
=
3
2
(
pi2
8G
)1/2(
r
Mr
)1/2[
1−
Mcore
Mr
]
≃
3
2
(
pi2
8G
)1/2(
r
Mr
)1/2
. (A5)
Then, we obtain the mass accretion rate as
M˙ ≃
3Mcore
r
2
3
(
8G
pi2
)1/2(
Mr
r
)1/2
≃
2Mcore
t
. (A6)
The jet injection time may depend on the detail of the jet-launching mechanism. However, we have showed that
whenever the jet is launched from the central BH and accretion disk system, as long as the injection time is much
shorter than the jet breakout time, the result does not change so much (Matsumoto et al. 2015). For simplicity, we
consider the free-fall time of the stellar core as the jet injection time,
tin =
√
pi2R3core
8GMcore
≃ 9.7× 10−1 s
(
ρcore
4.6× 106 g cm−3
)−1/2
. (A7)
The jet breakout time is estimated by tb ≃ R∗/βhc, where βh is the jet head velocity divided by the speed of light c.
From the conservation of the momentum and energy flux at the jet head, the velocity βh is given by the jet luminosity
and the stellar density as (Matzner 2003; Bromberg et al. 2011)
βh≃
(
Lj
ρ(rh)c3Σh
)1/2
≃
(
8ηj
3cθ2
)1/2(
rh
t
)1/2
≃
8ηj
3θ2
≃ 2.2× 10−1
(
ηj
6.2× 10−4
)(
θ
5◦
)−2
. (A8)
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In the first line, the quantity Σh = pi(rhθ)
2 means the cross section of the jet head. From the first line to the second
line, we use the fact that the jet head position rh is given by rh ≃ βhct. As shown in Eq. (A8), the jet head velocity
is constant in the density profile of ρ ∝ r−3 for a constant opening angle θ (Matsumoto et al. 2015). Then, we obtain
the jet breakout time as
tb ≃
3θ2R∗
8ηjc
≃ 8.9× 103 s
(
ηj
6.2× 10−4
)−1(
θ
5◦
)2(
R∗
5.8× 1013 cm
)
. (A9)
Substituting Eqs. (A6), (A7) and (A9) into Eq. (A1), we get the formula for the cocoon energy,
Ec=2ηjMcorec
2 ln
(
tb
tin
)
(A10)
=2.0× 1056 erg
(
ηj
6.2× 10−4
)(
Mcore
9.6× 103M⊙
)
ln
[(
tb
8.9× 103 s
)(
tin
9.7× 10−1 s
)−1]
.
This equation reproduces the cocoon energy shown in Table 1, which are obtained by numerically integrating Eq.
(A1).
Next, we also estimate the cocoon mass Mc at the jet breakout. The cocoon mass Mc is defined as the mass in the
cocoon when the jet head breaks out of the stellar surface. Then, the cocoon mass is equal to the stellar mass within
the volume where the cocoon expands in the progenitor. We approximate the shape of the cocoon component as a
cone whose height is the distance of the jet head from the stellar center, and whose radius is the distance of the cocoon
surface from the jet axis. We evaluate the cocoon mass as follows,
Mc≃
M∗
4piR3∗/3
×
1
3
piRc
2R∗, (A11)
where Rc is the radius of the cocoon component at the jet breakout time. In the second factor in Eq. (A11), we use
the fact that when the jet head breaks out of the progenitor, the height of the cocoon is equal to the stellar radius R∗.
The radius is given by Rc ≃ βcctb, where βc is the velocity of the cocoon component expanding in the progenitor
star. The velocity is estimated by the cocoon pressure Pc and the mean density in the cocoon component ρ¯ as
(Begelman & Cioffi 1989)
βc ≃
√
Pc
ρ¯c2
. (A12)
Assuming that the cocoon is radiation-pressure-dominated, the cocoon pressure is given by Pc ≃ Ec/pirhr
2
c . The mean
density of the cocoon component ρ¯ is also approximated by ρ¯ ≃ 3Mrh/4pir
3
h. Substituting the expression of the cocoon
pressure and the mean density and Eqs. (A3) and (A10) into Eq. (A12), we obtain
βc ≃
(
8ηj
3
ln(t/tin)
1 + 3 ln(rh/Rcore)
)1/2
βhct
rc
. (A13)
Using the fact that the second factor in the parenthesis in Eq.(A13) is of the order of 3.4× 10−1 at the jet breakout
and that the cocoon radius is given by rc ≃ βcct, we obtain the cocoon velocity as
βc ≃
(
8ηj
3
ln(tb/tin)
1 + 3 ln(R∗/Rcore)
)1/4
β
1/2
h ≃ 7.2× 10
−2
(
ηj
6.2× 10−4
)3/4(
θ
5◦
)−1
. (A14)
With Eq. (A14), Eq. (A11) gives
Mc≃
1
4
M∗
(
βc
βh
)2
(A15)
≃ 2.8× 103M⊙
(
M∗
105M⊙
)(
ηj
6.2× 10−4
)−1/2(
θ
5◦
)2
.
This roughly reproduces the numerical results in Table 1.
B. LIGHT CURVE MODEL
We describe one-zone analytical formulae for the light curves of cocoon emission based on Arnett (1980); Popov
(1993); Nakauchi et al. (2013); Dexter & Kasen (2013). We consider an expanding cocoon fireball which is non-
relativistic and radiation-pressure-dominated. Immediately after the breakout, the cocoon fireball is accelerated by
the pressure PdV work. When its radius gets about doubled, we can assume that the cocoon energy is equally divided
into the kinetic and the internal energy, Ekin ∼ Eint ∼ Ec/2, and that the cocoon fireball starts homologous expansion
11
v ∝ r. For simplicity, we also assume that the cocoon fireball is homogeneous. In this phase, we can calculate light
curves of the cocoon emission in the same way as Type IIP SNe, only with the progenitor’s radius R∗, the cocoon
energy Ec, and mass Mc at the jet breakout. Since the cocoon fireball expands with a constant velocity, the cocoon
radius is given by
Rc(t) = vct+Rc(0), (B1)
where Rc(0) = 2R∗ and vc is the cocoon velocity which is evaluated by vc ∼
√
5Ec/3Mc, where the numerical factor
arises from the calculation of the total kinetic energy of the cocoon fireball (Ekin ≃
∫
(ρv2/2)4pir2dr = 3Mcv
2
c/10). We
should note that we set the origin of time at the moment when the cocoon fireball begins to expand homologously.
We calculate the thermal evolution of the cocoon fireball with the first law of thermodynamics,
dEint
dt
= −P
dV
dt
+H − L, (B2)
where Eint, P , V = 4piRc
3/3, H , and L are the total internal energy of the cocoon fireball, the cocoon pressure, the
cocoon volume, the heating rate from the external energy source, and the radiative cooling rate, respectively. In our
study, we ignore the heating source of the cocoon fireball. Since the cocoon fireball is radiation-pressure-dominated,
the cocoon pressure P is given by P = Eint/3V .
First, we ignore the effect of hydrogen recombination on the opacity. As long as the effective temperature of the
cocoon fireball Teff is higher than the recombination temperature Tion ≃ 6000K, we assume that the cocoon fireball
is fully ionized. Then, the cocoon fireball is optically thick and its luminosity is given by the diffusion approximation
as,
L≃ 4piR2c
cV
3κMc
Eint
V Rc
=
4picRc
3κMc
Eint
=
t+ te
t2d
Eint, (B3)
where κ is the cocoon opacity. In Eq. (B3), we define the expansion time te and the diffusion time td as follows,
te :=
Rc(0)
vc
≃ 1.1× 104 s Rc,14Ec
−1/2
,56 Mc
1/2
,3 , (B4)
td :=
√
3κMc
4pivcc
≃ 2.5× 107 s Ec
−1/4
,56 Mc
3/4
,3 , (B5)
where Rc,14 = Rc(0)/10
14 cm, Ec,56 = Ec/10
56 erg, and Mc,3 = Mc/10
3M⊙. In the second equality of Eq. (B5), we
substitute the opacity value for κ = 0.35 cm2 g−1, which is the Thomson scattering opacity of the primordial chemical
composition. Using Eqs. (B1), (B2), and (B3), we obtain a differential equation for the cocoon luminosity,
dL
dt
+
t+ te
t2d
L = 0. (B6)
Integration of Eq. (B6) yields the time evolution of the luminosity,
L(t)=
teEc
2t2d
exp
(
−
1
2t2d
(t2 + 2tet)
)
≃ 9.0× 1044 erg s−1 Rc,14Ec,56Mc
−1
,3 exp
(
−
1
2t2d
(t2 + 2tet)
)
. (B7)
When the exponential factor of this equation is almost unity during this phase (t2i /2t
2
d . 1, see below), the bolometric
luminosity dose not change so much. We equate Eq. (B7) with L = 4piRc(t)
2σSBTeff(t)
4, where σSB is the Stefan-
Boltzmann constant, and get the time evolution of the effective temperature as
Teff(t) ≃
(
cRc(0)
10κσSB(t+ te)2
)1/4
exp
(
−
1
8t2d
(t2 + 2tet)
)
. (B8)
In this phase, the photospheric velocity vph is roughly evaluated by the cocoon velocity vc. Then using the definition
of the cocoon velocity, we obtain
vph ∼
(
5Ec
3Mc
)1/2
≃ 3.0× 10−1c Ec
1/2
,56Mc
−1/2
,3 . (B9)
Next, we take the recombination effect into account. When the effective temperature gets smaller than the critical
value, a recombination wave starts to recede into the center. We define the time ti as the moment when the effective
temperature drops to the critical one Teff(ti) = Tion. Then, the time ti is given by
ti ≃
(
cRc(0)
10κσSB
)1/2
T−2ion ≃ 3.4× 10
6 s Rc
1/2
,14 , (B10)
12
where we assume that ti ≫ te and the exponential factor in Eq. (B8) is unity. These assumptions are justified for
the cocoon parameters we consider (te/ti ≪ 1 and t
2
i /8t
2
d ≪ 1). Since it is transparent outside of the recombination
wave, we identify the photospheric radius Rph(t) := xi(t)Rc(t) as the recombination front, where the temperature is
equal to the recombination temperature. We also consider the thermal evolution of the cocoon fireball with Eq. (B2)
only for the volume within the photospheric radius. Then, the internal energy within the photospheric radius is given
by E˜int = EintV˜ /V , where V˜ := xi(t)
3V is the volume within the photospheric radius. The luminosity is given by
L = 4piRph(t)
2
σSBT
4
ion. The diffusion approximation also gives the luminosity as
L ≃ 4pixi(t)
2Rc(t)
2 V c
3κMc
E˜int
V˜ xi(t)Rc(t)
=
4pic
3κMc
Rc(t)
xi(t)2
E˜int. (B11)
Equating these expressions, we obtain the internal energy within the photospheric radius as
E˜int =
3κMcσSBT
4
ion
c
Rc(t)xi(t)
4. (B12)
With Eqs. (B11) and (B12), the first law of thermodynamics yields a differential equation for xi(t) as
dxi
dt
= −
2xi
5t
−
t
5t2dxi
, (B13)
where we approximate the cocoon radius as Rc(t) ∼ vct (t > ti ≫ te). We integrate Eq. (B13) with the initial
condition xi(ti) = 1, and obtain the time evolution of the photospheric radius
Rph(t)
2 = xi(t)
2Rc(t)
2 = v2c
[
t6/5t
4/5
i
(
1 +
t2i
7t2d
)
−
t4
7t2d
]
(t > ti). (B14)
We summarize the time evolutions of the bolometric luminosity, the effective temperature, and the photospheric
radius as,
L(t)=


teEc
2t2
d
exp
(
−
t2
2t2
d
)
(te ≪ t < ti)
4piσSBT
4
ionv
2
c
[
t6/5t
4/5
i
(
1 +
t2
i
7t2
d
)
−
t4
7t2
d
]
(t > ti),
(B15)
Teff(t)=


(
cR(0)
10κσSB
)1/4
t−1/2 exp(− t
2
8t2
d
) (te ≪ t < ti)
Tion (t > ti),
(B16)
Rph(t)=


vct (te ≪ t < ti)
vc
[
t6/5t
4/5
i
(
1 +
t2
i
7t2
d
)
−
t4
7t2
d
]1/2
(t > ti).
(B17)
The duration of the cocoon emission is given by solving L(∆tco) = 0. We obtain the duration as
∆tco = 7
5/14t
2/7
i t
5/7
d ≃ 2.8× 10
7 s Rc
1/7
,14Ec
−5/28
,56 Mc
15/28
,3 . (B18)
The time t2nd when the light curves show the second peak is also given by solving dL/dt = 0. We get the time as
t2nd =
(
21
10
)5/14
t
2/7
i t
5/7
d ≃ 1.9× 10
7 s Rc
1/7
,14 Ec
−5/28
,56 Mc
15/28
,3 . (B19)
Then, the bolometric luminosity reaches
L2nd = 4piσSBT
4
ionv
2
c
[
t6/5maxt
4/5
i
(
1 +
t2i
7t2d
)
−
t4max
7t2d
]
≃ 4.7× 1045 erg s−1 Rc
4/7
,14Ec
11/14
,56 Mc
−5/14
,3 . (B20)
The photospheric velocity at this moment is expressed by
vph(t2nd) = xi(t2nd)vc ≃ 3.5× 10
9 cm s−1 Rc
1/7
,14Ec
4/7
,56Mc
−5/7
,3 . (B21)
The observed flux of the cocoon emission is given by
Fλobs(tobs)dλobs = piBλ(Teff(t))
Rph(t)
2
d2L
dλ, (B22)
13
where Bλ(T ) = 2hc
2/λ5(exp(hc/λkBT )−1)
−1 and dL are the Planck function and the luminosity distance, respectively.
The time in the observer frame tobs and the observed wavelength λobs are related with the time and the wavelength
in the progenitor rest frame as tobs = (1 + z)t and λobs = (1 + z)λ.
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